We report on observations of the dM1e Ñare star AU Microscopii obtained with the Space Telescope Imaging Spectrograph (STIS) on 1998 September 6. A total of 10,105 s of observations were obtained with the medium-resolution E140M grating. We report here on the 9200 s of "" quiescent ÏÏ data when the star did not obviously Ñare. In this data set, we identify 142 emission lines from 28 species, including low-temperature chromospheric lines (e.g., C I, O I), transition-region lines (e.g., C IIÈIV, N IV, O IIIÈV, Si IIÈIV), and the coronal line Fe XXI 1354
INTRODUCTION
The dMe stars show ultraviolet emission-line spectra, X-ray and nonthermal radio emission that are signatures of high-temperature gas located above the photosphere as is observed on the Sun. These stars exhibit many of the activity phenomena observed on the Sun ; for example, photospheric dark spots and Ñares that are observable across the electromagnetic spectrum from X-ray to radio wavelengths. The amount of energy involved in these activity phenomena, however, is orders of magnitude greater than is observed on the Sun. Without doubt, the reason these magnetic activity phenomena are far more energetic on dMe stars than on the Sun must be associated with the magnetic Ñuxes (Ðeld strength times Ðlling factor) that are several orders of magnitude larger for the dMe stars than for the Sun (Saar 1993) .
Our objective in this paper is to study in detail how the characteristics of the chromosphere, transition region, and corona of a representative active dMe star di †er qualitatively and quantitatively from those of the Sun. The Space Telescope Imaging Spectrograph (STIS) on the Hubble Space T elescope (HST ) provides excellent quality spectra in the 1170È1700 spectral range, which contains many emis-A sion lines formed in the chromosphere and transition region necessary for our objective.
1 Based on observations made with the NASA/ESA Hubble Space T elescope, obtained at the Space Telescope Science Institute, which is operated by the Association of Universities for Research in Astronomy, Inc., under NASA contract NAS 5-26555. These observations are associated with proposal ID 7556.
2 Sta † Astronomer at Catania Astrophysical Observatory, Italy ; ipagano=alpha4.ct.astro.it.
AU Microscopii (HD 197481, Gleise 803 ) is one of the most active of the dMe stars, yet it is only 9.94 pc away (Perryman 1997) . The optical light curves of this dM1e star show periodic light variations with superimposed phases of Ñare activity. Long-term optical variability studies indicate sizeable modiÐcations of the spotted area and spot distribution on the photosphere of this star (Cutispoto 1998) . AU Mic has one of the brightest ultraviolet emission-line spectra of the dMe stars (Linsky et al. 1982) , and its X-ray luminosity is the largest of any nondegenerate star within 10 pc. AU Mic is the Ðrst star other than the Sun in which the coronal Fe XXI 1354 line has been observed (Maran et A al. 1994) . The AU Mic coronal electron density was derived by Monsignori Fossi & Landini (1994) from an analysis of its EUV spectrum. Table 1 summarizes the main properties of AU Mic. Some of the quantities in Table 1 have been computed by us as a consequence of the revision of the AU Mic luminosity according to the Hipparcos parallax. We have used the empirical relation given by (1986) to Rodonoc ompute the bolometric correction (BC \ [0.379M V ] 2.386), and then used the bolometric luminosity to compute the AU Mic radius according to the relation log R \ 0.351 log L ] 0.19, which is a close approximation to the theoretical radii derived for M dwarfs by Grossman, Hays, & Graboske (1974) , which Pettersen (1983) found to Ðt observational data quite well. Finally, we have computed the e †ective temperature, using the equation L \ T eff , 4nR2pT eff 4 . In their analysis of the HST /GHRS spectrum of AU Mic, Linsky & Wood (1994) noticed that the Si IV and C IV lines have broad wings. These are reminiscent of the broad C IV proÐles observed in solar transition-region explosive events, which are thought to be associated with emerging Huensch et al. 1999 ; (7) Barrado y Navascues 1998 ; (8) DuÑot et al. 1995 ; (9) Pettersen 1983 ; (10) Cutispoto 1998 ; (11) Torres & Ferraz Mello 1973. magnetic-Ñux regions where Ðeld reconnection occurs. Linsky & Wood (1994) modeled each Si IV and C IV line with a bimodal structure : a narrow Gaussian component consistent with turbulent wave dissipation or wave Alfve n heating mechanisms and a broad Gaussian component consistent with microÑare heating (Wood, Linsky, & Ayres 1997) . This bimodal structure of the Si IV and C IV lines has now been observed in other active stars and binary systems that di †er in spectral type and luminosity class from AU Mic (see Wood et al. 1997) .
This paper reports on the analysis of the AU Mic 1170È 1700 spectrum, which we monitored with high temporal A resolution to study both the Ñare and quiescent states of this star. Using the excellent quality quiescent spectrum, we analyze the chromospheric, transition-region, and coronal properties of this star in more detail than heretofore possible. The analysis of the Ñaring spectrum can be found in a companion paper by R. D. Robinson et al. (2000, in preparation) , and the analysis of the interstellar lines observed in the AU Mic spectrum can be found in S. RedÐeld et al. (2000, in preparation) .
THE DATA
On 1998 September 6, AU Mic was observed by the STIS instrument (see Woodgate et al. 1998 ) on HST for a total observing time of 10,105 s, divided into 4 orbits of approximately 2600 s each. The total number of counts within 50 s intervals for each orbit is plotted in Figure 1 . The data obtained at times when the star was obviously Ñaring are described and analyzed by R. D. Robinson et al. (2000, in preparation) . Here we analyze the 9200 s of data when the line Ñuxes were not signiÐcantly enhanced, that is, the data acquired outside of the time intervals enclosed by dotted line boxes in Figure 1 . We call this data set "" quiescent ÏÏ to distinguish it from the "" Ñare ÏÏ data set, although many small Ñares and microÑare heating events are likely to be included in this "" quiescent ÏÏ data set.
The spectra were obtained with the medium-resolution E140M echelle grating, which covers the complete 1170È 1730 spectral range with a resolving power of 45,800, A corresponding to a velocity of 6.6 km s~1, using an aperture of We used the MAMA detector and the data 0A .2 ] 0A .2. were obtained in the TIME-TAG mode to help identify Ñares.
We analyzed the STIS data using the STIS team IDLbased software, including the CALSTIS and TIME -TAG IDL routines. CALSTIS performs a variety of functions, including Ñat Ðelding, assignment of statistical errors, Doppler smoothing, conversion of counts to count rates, dark-rate image subtraction, and the removal of data from bad/hot pixels. Wavelength calibration was carried out using onboard lamp spectra taken once per orbit to correct for thermal motions and other nonrepeatable e †ects. A comparison of the wavelengths of identical lines measured FIG. 1.ÈAU Mic counts per 50 s bin summed over the 1170È1700 A range as observed 1998 September 6 by HST /STIS with the E140M echelle spectrograph and the MAMA detector. Data acquired during Ñares, i.e., in the time intervals enclosed by dotted line boxes, were not used to build the mean quiescent spectrum analyzed in this paper.
on separate orders shows agreement to better than half a pixel except near the ends of the orders, where the errors can be slightly larger. To check the goodness of the wavelength calibration, we measured the velocity of the geocoronal Lya emission component that is coincident with the known radial velocity of the Earth toward the target, as expected. The geocoronal Lya, however, is a di †use source, while the target is a point source. The absolute wavelength calibration is a †ected directly by the target position. If the target is o † center by one MAMA pixel, then the wavelength scale will be o † by one pixel, which corresponds to 0.015 for E140M spectra (average dispersion equal to A j/91700 per pixel) in the center of the central order. The A question is, therefore, how accurate is the pointing. The observations were done using the standard STIS onboard CCD target acquisition (ACQ) procedure that ensures an accuracy of for V \ 21 point sources (V D 8 for AÛ0A .01 Mic), which corresponds to of a pixel. No peakup D1 4 (ACQ/PEAK) procedure was used, following the STIS Instrument Handbook, in which it is stated that the peakup procedure is required only for observations with slit ¹0A .1 in our case). Postlaunch measurements show that after (0A .2 the ACQ procedure, the target centering can be up to one full MAMA pixel inaccurate, which is 0.015 and 3.2 km A s~1 at 1400 (P. Plait, 1999, private communication) . A Therefore, we assume that 3 km s~1 is the accuracy of the absolute wavelength calibration.
CALSTIS outputs a Ðle containing wavelength, Ñux, and error vectors, which is used in all subsequent processing. To separate the "" quiescent ÏÏ data from the whole data set, we used the TIME -TAG routines to remove the data obtained while AU Mic was observed to be Ñaring (approximately 900 out of the 10,105 s of total observing time), obtaining a single summed image of all of the data from the "" quiescent ÏÏ times. We then processed this image through the CALSTIS analysis software to obtain a spectrum. To remove the e †ects of scattered light that are important near the Lya line, we used the IDL ECHELLE -SCAT routine (D. Lindler, 1999, private communication) in the STIS TEAM software package. This routine uses the Ðrst estimate of the spectrum and a scattering model of the spectrograph to determine the intensity of the scattered light and to estimate what the spectrum plus scattered light image should look like. Comparison of this calculated spectrum with the observations yields di †erences that indicate the errors in the Ðrst estimate of the spectrum. This spectrum is then corrected and the process is iterated until acceptable agreement is obtained between the prediction and the observed image.
The scattered light corrected spectrum was then analyzed using software packages written in IDL. We used routines of the ICUR Ðtting code (Ne † et al. 1989) , modiÐed to take into account the e †ect of the line spread function, which perform multi-Gaussian Ðts to the line proÐles using BevingtonÏs (1969) CURFIT algorithm. We also used the multi-Gaussian Ðt procedures developed by Wood et al. (1997) to investigate how much our results depend on the adopted analysis software. We found that the results obtained by using ICUR and by using WoodÏs procedure agree very well, as expected since both procedures are based on the Marquart s2 minimization technique.
To correct for the instrumental broadening, we convolved each proposed Ðt to an emission-line proÐle with the instrumental line spread function (LSF). The LSF was obtained by Ðrst generating an image of the average instrumental point spread function (PSF). The PSF was assumed to be symmetrical and was generated from curves of encircled energy versus radius obtained for a variety of isolated stellar images taken during the scientiÐc veriÐcation of STIS. This image was then masked with an appropriately sized slit, and we integrated segments that were 1 pixel across along the cross dispersion direction. The LSF was then convolved with a Gaussian proÐle that represents the instrumental smearing function. Finally, the resultant distribution was normalized so that its integrated area was equal to 1. We note that this line spread function is not exactly correct since we have not been able to model the echelle halo, but it should be a reasonably good approximation. We computed the LSF in the manner described above at 1200 and 1900 and used linear interpolation of A A these two functions between these two wavelengths.
3. RESULTS Figure 2 shows the summed "" quiescent ÏÏ E140M spectrum with all of the strongest emission lines identiÐed. The same spectrum is shown in Figure 3 with the y-axis zoomed by a factor of 10 to highlight the weakest lines. A preliminary line identiÐcation was compiled using the FEATURE procedure under IDL, which allowed the identiÐcation of 69 lines in the whole spectral region. We then carefully inspected the spectrum to look for very weak line features and performed interactive Gaussian Ðts to all the lines. We were thus able to resolve several blended lines and identify many previously undetected weak lines, increasing the number of lines in the 1170È1730 spectrum of AU Mic to A 142. In the Ðnal list, six lines are blended and one line remains unidentiÐed. We identiÐed the lines by comparison with the high-resolution solar spectrum observed by the high-resolution telescope spectrometer and by Skylab ATM in the 1175È1710 spectral region (Sandlin et al. 1986 ). A Table 2 lists the line identiÐcations, laboratory wavelengths, radial velocity shifts, full widths at half-maxima (FWHM), and Ñuxes derived by Gaussian Ðts to the line proÐles. The laboratory wavelengths listed in Table 2 are from Sandlin et al. (1986) , unless otherwise noted in the table. The radial velocity shifts are relative to the mean velocity of the C I lines (see discussion below), v \ [5.7^0.3 km s~1, that was used as reference for the photosphere velocity. The E140M resolving power is 6.6 km s~1. Therefore, nearly all the lines are fully resolved, except for 20 of the 142 lines that are not resolved. DuÑot, Figon, & Mayssonier (1995) list a radial velocity of ]1.2 km s~1 for AU Mic on the basis of the Wilson (1963) radial velocity catalog. We have found, however, that the low-temperature lines present in our STIS spectrum indicate a negative stellar radial velocity. Since the absolute wavelength calibration is poorly determined (as discussed in°2
T he Ultraviolet Spectrum of AU Mic
, the accuracy of the absolute wavelengths is of the order of 3 km s~1), we use the mean velocity of the C I lines as reference for the velocity of all other lines. We have computed the Ñux-weighted mean heliospheric velocities from all the unblended low-temperature lines of the Si I, S I, C I, and O I ions. Then, to reÐne the velocity determination, we have selected the lines the velocities of which are di †erent from the mean by less than 1 standard deviation. Of these selected lines, we have Ðnally computed the Ñux-weighted mean heliospheric velocity and standard deviation given in Table 3 . The velocity derived from the 37 selected C I lines is [ 5.7^0.3 km s~1 heliospheric. This value is consistent within 1 p with the determinations from all of the other low-temperature lines.
As discussed in°3.2, some lines were Ðtted by two Gaussian components, one narrow and one broad. For those lines, Table 2 lists the velocity of the centroid of the narrow emission component. The Ðt of the C II 1334 line also A required a negative Gaussian component to account for interstellar absorption (see S. RedÐeld et al. 2000, in preparation) .
The six lines of C III multiplet 4 (a, b, c, d, e, and f) at 1176 are shown in the top left-hand panel of Figure 4 . We A computed the Ñux ratios [a/e, b/e, (c]d)/e, and f/e] for AU Mic and for the solar limb, plages, and umbra (Sandlin et al. 1986) . We Ðnd that the AU Mic values for the Ñux ratios (1.1: 0.8: 2.4: 0.9) are much closer to the those of the solar plages (1.0: 1.1: 3.3: 1.2) than to those of the solar limb or umbra (1.3: 1.1: 5.4: 1.4 and 1.9: 1.2: 5.5: 2.4, respectively). This implies that the density and/or optical depth of the lines in AU Mic is more similar to a solar active region than a quiet region. A A The Lya line proÐle in Figure 5 shows interstellar hydrogen and deuterium absorption (at [0.33 relative to the A hydrogen) and geocoronal Lya emission. An analysis of the interstellar absorption features seen in the H I, D I, C II, and O I resonance lines will be published in a companion paper (S. RedÐeld et al. 2000, in preparation) .
We detected the four O IV] lines in the 1400È1408 A region that are important density diagnostics (see bottom right-hand panel of Figure 4 ). The feature at 1404.8 is a A blend of the O IV] 1404.81 line with the S IV] 1404.77 A A line. Since this feature in the observed spectrum appears to be double-peaked, we attempted to separate the two lines by Ðtting two Gaussian components to the line proÐle. We rejected the result of this attempt, however, because the (Dufton et al. 1982) . Moreover, the centroid of the O IV] 1404.81 line resulting from this A two-Gaussian Ðt was redshifted by D22 km s~1, while all of the other nearby O IV] lines show a blueshift of D2 km s~1. It is worth noting that Kaufman & Martin (1993) give 1404.808 instead of 1404.77 for the S IV] line. Thus, the A A blend is a closer one then previously thought and should have little e †ect on the measured wavelength of the stronger O IV] line. We did not detect the S IV] 1417 line. A We searched in the AU Mic spectrum for the presence of coronal lines that are strong in the solar o †-limb spectrum (Sandlin & Tousey 1979 ; Feldman et al. 1997 Feldman et al. , 1998 . The only one of these lines that we could Ðnd is the Fe XXI 1354 line, which will be discussed in°3.4. A 3.2. T he Broad W ings of the T ransition-Region Emission L ines In their analysis of the GHRS spectrum of AU Mic, Linsky & Wood (1994) noticed that the Si IV and C IV lines could not be Ðt with single Gaussians but, instead, required two GaussiansÈa narrow Gaussian to Ðt the line core and a broad Gaussian to Ðt the line wings. They found that the narrow Gaussian components have similar line widths to those observed in solar active and quiet regions. The broad components, on the other hand, are reminiscent of the broad C IV proÐles observed in solar transition-region explosive events (coronal mass ejections [CME], see Dere et al. 1997a) , which are thought to be associated with emerging magnetic Ñux regions where Ðeld reconnection occurs. This bimodal structure of the AU Mic Si IV and C IV lines was subsequently observed on other active stars covering a range of spectral types and luminosity classes. Such stars include the RS CVn-type stars Capella and HR 1099, the main-sequence type stars Procyon, a Cen A, and a Cen B, and the giants 31 Com, b Cet, b Dra, b Gem, and AB Dor. Wood et al. (1997) showed that the narrow components can be produced by turbulent wave dissipation or wave-heating mechanisms, while the broad comAlfve n ponents are diagnostics for microÑare heating.
The STIS data set allows us to study the line proÐles of transition-region lines other than the Si IV and C IV, thus Sandlin et al. 1977 .
[6] \ Laboratory wavelength from Feldman et al. 1975. covering a wider range of temperature. In fact, we also found the presence of broad wings in the Si III 1206 C II A , 1334 and 1335 and N V 1238 lines. We veriÐed that A , A single Gaussian Ðts are unable to reproduce the observed proÐles of these lines. Table 4 lists the parameters for the narrow and broad Gaussian Ðts to each line, including the centroid radial velocities in the rest frame of the stellar (v rad ) photosphere (determined by the Ñux-weighted average of 37 unblended C I lines, as discussed in°3.1), the full width at half-maximum (FWHM) after the instrumental proÐle was Maran et al. (1994) , who observed the AU Mic spectrum during a quiescent phase with the GHRS. Also, for the N V 1242 line, a two-Gaussians Ðt is no more signiÐcant than A a single broad-Gaussian Ðt.
The lines modeled by two-Gaussians Ðts are shown in Figure 6 , together with the best-Ðt Gaussian components. The C II 1334 line is not shown in this Ðgure because the A interstellar absorption on the blue wing of this line cannot be uniquely disentangled even though this line proÐle deÐ-nitely requires a broad component. In the bottom righthand panel of Figure 6 , we also plot for comparison the O I 1302 line that, like the other chromospheric lines, does A not show broad wings. This conÐrms that the broad wings seen in the higher temperature lines are intrinsic to the star and not instrumental in origin.
The line proÐles in Figure 6 are all asymmetric. All of the narrow components are slightly redshifted, with a Ñux- Other stars also show velocity shifts between the broad and narrow components of transition-region lines. For example, b Cet (K0 III) shows a 13 km s~1 redshift (in the same sense as AU Mic), 31 Com (G0 III) shows an 8 km s~1 blueshift, and b Dra (G2 IbÈII) shows no shift, 8 km s~1 blueshift, and 8 km s~1 redshift at three di †erent epochs (cf. Wood et al. 1997 Wood et al. ). et al. (1999 , analyzing IUE spectra Busaò f the Mg II lines of the RS CVn binary HR 1099, found, for the K1 IV star of this system, that a broad component is also required to Ðt the chromospheric Mg II lines and that the velocity shifts between the narrow and broad components vary in a range between [19 and ]44 km s~1 on timescales of D2 hr. Since the broad component is thought to reÑect microÑare heating, the velocity di †erence between the broad and narrow components provides information on the dynamics of the microÑaring plasma and how this may change with activity, spectral type, and time. The et al. Busa( 1999) result suggests that the spatial distribution of the microÑare sites is very inhomogeneous and variable on short timescales, at least on HR 1099.
As listed in Table 4 , the Ñuxes in the broad and narrow Gaussians are comparable, and the Ñux-weighted broad/ total Ñux ratio is 0.41^0.08. This ratio is typical for the most active stars studied by Wood et al. (1997) . The Ñux-weighted average of the FWHMs are D31 and D103 km s~1 for the narrow and broad components, respectively. By comparison, explosive events on the Sun produce transition-region lines as broad as FWHM D 100 km s~1 (Dere, Bartoe, & Brueckner 1989) , a value close to that derived for the broad components of the AU Mic transition-region lines.
A comparison of the Si IV and C IV line proÐles of AU Mic observed by STIS (this paper) and GRHS (Linsky & Wood 1994 ; Wood 1996) shows good agreement for the C IV lines, but the Si IV lines have broad components that are much wider in the GHRS spectrum than in the STIS spectrum, with
Since this FWHM GHRS D 1.6 FWHM STIS . discrepancy appears only on the Si IV lines, we doubt the hypothesis that the FWHM of the broad component of these lines varies because of intrinsic phenomena. Instead, we believe that the GHRS pre-COSTAR instrumental proÐle, which is non-Gaussian and has wide wings caused by the mirror aberration (cf. Duncan 1992), may have a †ected the GHRS result.
V elocity Displacements of the T ransition-Region
Emission L ines All of the FÈK dwarfs and giants, observed with the GHRS and IUE by Wood et al. (1997) , Ayres, Jensen, & Engvold (1988) , and others, show that the resonance and intersystem lines are redshifted and that the redshifts of the line centroids increase with increasing temperature of line formation up to 105 K or more. These stars include the Sun (observed with OSO 8, SMM, and SOHO), a Cen A and B, Procyon, Capella, HR 1099, j And, b Gem, and b Dra. On the Sun, Achour et al. (1995) found that in quiet regions the redshift of the C IV 1548 line (]6.2 km s~1) is less than in A active regions (]13.0 km s~1), and redshifts are also seen in lines of Ne VIII formed at 650,000 K (Brynildsen et al. 1998) .
In Figure 7 , we plot the velocity shifts, with respect to the photosphere (determined by the Ñux-weighted average of 37 unblended C I lines as discussed in°3.1), of the AU Mic emission lines versus the temperature of line formation in the 3.5 \ log T \ 7.2 range. For the ions that have more than one line in the observed spectrum, we plot the Ñux-weighted mean velocity shift and give the 1 p standard deviation with a vertical line. For the transition-region lines that have been Ðt by two Gaussian components (see°3.2), we plot separately the velocity shifts of the narrow and broad components. As Figure 7 shows, the velocity centroids for AU Mic do not follow any obvious dependence on line formation temperature. Although this result was already found by Linsky & Wood (1994) in their analysis of the GHRS spectra of AU Mic, our analysis of the more complete STIS data set makes this conclusion unambiguous. Except for the broad components of the transition-regions lines, we Ðnd a mean line velocity shift of 1.0^3.2 km s~1 (relative to the photosphere as deÐned by the C I lines) in the 3.5 \ log T \ 7.2 line formation temperature range. A linear regression to the velocities, with respect to line formation temperatures performed for the lines we model with a single-Gaussian, indicates a slight increase of redshift with temperature of line formation (1.0^0.1 km s~1 per unit * log T ), but the correlation coefficient (c.c.) of the linear relation, 0.39, is very poor. Instead, for the transition-region lines modeled by two Gaussian components, we Ðnd more signiÐcant linear relations. The narrow component velocities decrease slightly with temperature from C II (20,000 K) to N V (150,000 K) with the slope of the linear relation equal to [2.3^1.3 km s~1 per unit * log T (c.c. \ [0.7), and the broad component velocities are shifted toward negative velocities as the temperature increases, with the slope equal to [4.9^1.3 km s~1 per unit * log T (c.c. \ [0.6).
Since the redshifts of transition-region lines in solar active regions (which have strong magnetic Ðelds) are twice as large as in quiet regions (Achour et al. 1995) , we antici- pated that a very active star such as AU Mic would show large redshifts. Also transition-region models computed for the Sun (Reale, Peres, & Serio 1996) predict larger redshifts in regions permeated by strong magnetic Ðelds than in quiet regions. Since AU Mic has a average magnetic Ñux density of Bf \ 2300 G (Saar 1993) , where f is the fractional area coverage of the magnetic Ðeld B, much larger than the solar average magnetic Ñux density of Bf \ 15 G, we expected to see large redshifts for the AU Mic line velocities. In fact, the redshifts observed for AU Mic are smaller than observed for the Sun, especially for the narrow components of the AU Mic transition-region lines. High-resolution spectra of other M dwarfs and active stars are needed to determine whether most active dMe stars display smaller than solar redshifts. Which property of AU Mic keeps the redshifts smaller than is observed on the Sun and other active stars ? Is the cause the large magnetic Ðeld strength, the large magnetic Ðlling factor, the large nonradiative heating rate (as indicated by the higher gravity, or log L x /L bol \ [2.65), some other factor by which AU Mic di †ers from the warmer and less active dwarf and giant stars ? Main-sequence stars (e.g., a Cen A, a Cen B, and v Eri) show smaller redshifts than lower gravity stars (e.g., b Dra and Capella). This result suggests that the reason that the AU Mic transitionregion lines do not show an increase of redshift with the temperature of line formation could be related to the high gravity of the star rather than to its high activity.
T he Fe XXI 1354 Coronal Emission L ine
A We have searched the AU Mic STIS spectrum for coronal emission lines that are observed in the o †-limb solar spectrum (Sandlin & Tousey 1979 ; Feldman et al. 1997 Feldman et al. , 1998 ), but we did not Ðnd any signiÐcant detections other than the Fe XXI 1354.08 line. UV spectra of this line, A which is formed at 1 ] 107 K, permit measurements of line shapes and velocity shifts that are not yet feasible with observations of other coronal emission lines in the EUV and X-ray spectral ranges. The Fe XXI line has been observed already in GHRS spectra of AU Mic (Maran et al. 1994) , Capella (Linsky et al. 1998) , and HR 1099 (Robinson et al. 1996) .
The Fe XXI 1354.08 line is blended with the C I 1354.288 A line. We measured both lines by Ðtting two unconstrained A Gaussians to the blended proÐle (Fig. 8) . The derived FWHM and Doppler shift of the C I 1354 line are consis-A tent with the mean values for the other Ðve C I lines in the 1354È1364 spectral region. Table 5 compares the param-A eters obtained in our analysis of the STIS observations of AU Mic with the Maran et al. (1994) analysis of a GHRS spectrum of this star, the Linsky et al. (1998) analysis of the Capella stars, and the Robinson et al. (1996) analysis of the HR 1099 stars. We Ðnd that the AU Mic Fe XXI 1354 line A width is not much larger (FWHM \ 116^3 km s~1) than the expected thermal broadening (D90 km s~1) in a 1 ] 107 K coronal plasma, the temperature at which Fe XXI is most abundant according to the ionization equilibrium calculations of Arnaud & Raymond (1992) . The most probable nonthermal speed (m) can be computed by
B , (1) where *j is the measured FWHM, T is the line formation temperature, and the ion mass. For the Fe XXI 1354 m i A line, m is 70 km s~1, which is larger than the upper limit found by Maran et al. (1994) but still subsonic (v sound D 130 km s~1 for a plasma at T \ 1 ] 107 K). This means that no supersonic turbulent motions are detected in the coronal plasma of AU Mic ; hence, shock waves are not an important heating mechanism in this corona.
The Fe XXI 1354 line radial velocity deduced from the A AU Mic STIS spectrum km s~1 in the (v rad \ [2.2^2.5 reference frame of the stellar photosphere) implies essentially no coronal outÑow. However, the error in this result is dominated not by the^2.5 km s~1 error of measurement but by the laboratory wavelength uncertainty. We have adopted 1354.08^0.05 according to Sandlin, Brueckner, A , & Tousey (1977) ; therefore, the radial velocity measurement is dominated by the 11 km s~1 systematic uncertainty in the laboratory wavelength. Within this systematic uncertainty, the 107 K coronal plasma is nearly stationary, indicating that it is conÐned, presumably by strong magnetic Ðelds, and does not participate in the stellar wind. This result was found previously for the stars in the Capella and HR 1099 binary systems. The ratio provides information on f Fe XII /f C IV the relative heating rates at 107 K compared with 105 K. This ratio varies by about 1 order of magnitude from the G1 III component of Capella to AU Mic (cf. Table 5 ), but it does not seem to depend on the spectral type and luminosity class of the source. In fact, the ratio is f Fe XXI /f C IV almost the same for AU Mic and the G8 III component of Capella. The Fe XXI 1354 line Ñuxes of the stars listed in A Table 5 vary in a range of less than 1 order of magnitude, while the C IV Ñuxes vary in a range of 2 orders of magnitude. That sources with equal coronal emission can have very di †erent transition-region activity was noted previously by Ayres, Schi †er, & Linsky (1983) and by Linsky et al. (1998) and was explained as being caused by the transition-region emission being most sensitive to the magnetic Ðeld structure, whereas the coronal emission is most sensitive to the convection zone depth.
How Is the He II 1640 L ine Formed ?
A The He II Ha line at 1640 which is actually a multiplet A , of seven lines with wavelengths between 1640.322 and 1640.533 is generally thought to be formed by one of two A , processes : collisional excitation in a 105 K plasma (e.g., Jordan 1975) or recombination and cascades in the chromosphere following photoionization of neutral helium by coronal X-rays (e.g., Zirin 1975 ). An empirical discriminant between these two formation mechanisms is that the collisional excitation model predicts a broad proÐle centered at a laboratory wavelength of 1640.438 whereas A , one recombination model predicts a narrower proÐle dominated by the 2p transition centered at 2P 3@2 È3d 2D 5@2 1640.474 (the Ðfth line of the multiplet). Feldman et al. A (1975) calculated theoretical proÐles for the 1640.4 feature A assuming both collisional and recombination models. These authors give the relative line intensities of the seven lines in the multiplet, which are only mildly sensitive to electron temperatures between 40,000 and 160,000 K in the collisional case and between 500 and 20,000 K in the recombination model. The Feldman et al. (1975) [ 3d2D 5@2 A ) other lines, while in the collisional model case several broad lines have much more comparable relative intensities, leading to a broad line with a single peak. Moreover, the relative intensity of the 1640.332 line increases with A increasing opacity in the 256 line. A The He II 1640 line in the STIS AU Mic spectrum is not A well Ðt by only one broad Gaussian (reduced s2 \ 2.4). We Ðnd that a much better Ðt can be achieved by using 3 Gaussian components (reduced s2 \ 1.0), as shown in Figure 9 , where the observed He II line spectrum is shown corrected to the stellar radial velocity. The dotted vertical lines in Figure 9 indicate the wavelengths of the three Gaussian centroids. The dashed vertical line indicates the predicted line centroid according to the collisional excitation model (Jordan 1975) , while the solid vertical lines indicate the wavelengths of the two stronger lines in the recombination model (Feldman et al. 1975) . The interpretation of the results of our Ðt is that both mechanisms appear to be responsible for the formation of the He II line : 41% of the line Ñux is formed by collisional excitation and 59% by recombination on the basis of the areas under the three Gaussians. The intensity of the 1640.332 component is A D0.65 the intensity of the 1640.474 component. Accord-A ing to Feldman et al. (1975) , in the recombination model this ratio is 0.55 and increases with the increase of the 3p level population caused, for example, by resonance trapping of the 256 photons of the He II Lyb line. Therefore, the A measured ratio between the 1640.332 and the 1640.474 A A components suggests that the opacity in the He II Lyb line is not negligible.
The measured FWHM of the collisional excitation component is 80 km s~1. Since in a plasma of temperature T \ 105 K the He II thermal width is D34 km s~1, the measured width indicates the presence of a nonthermal component of 48 km s~1 (most probable speed as in eq.
[1]), possibly because of turbulence.
T he Emission-Measure Distribution
To determine the physical properties of the transitionregion plasma, we performed an emission-measure distribution analysis (cf. Jordan & Wilson 1971 ; Jordan & Brown 1981 ; Dere & Mason 1981) . The frequency-integrated Ñux (units ergs cm~2 s~1) of an e †ectively thin emission line F ji between levels j and i of an atom can be written as
where (cm~3) is the number density of the upper level, N j (s~1) is the Einstein A-coefficient of the line for a tran-A ji sition between levels j and i, and (cm~3) is the electron N e density. The ratio is, to a high degree of approx-N j A ji /N e 2 imation, a function only of temperature and density T e N e . For resonance lines formed at transition-region temperatures, this ratio is a weak function of and a strongly N e peaked function of say Therefore, deÐning the dif-
equation (2) can be written as
The di †erential emission measure in principle, can be m(T e ), determined from a set of emission-line Ñuxes by an inversion of the set of the corresponding integral equations (eq.
[4]). The total emission measure for the emitting plasma is the integral over of the function. log T e m(T e ) Since emission lines are typically formed over a temperature range of * log we determine the di †eren-T e D 0.3, tial emission measure for all plasma with m0.3(log T e ) temperature in the range log to log The T e [ 0.15 T e ] 0.15. shape of the emission measure is constrained by the combination of the loci from di †erent emission lines, where the emission-measure locus of each line is given by
(units cm~5). represents the amount of isother-E m ji(log T e ) mal material needed to produce the observed line Ñux.
Using equation (5) and the functions com-G ji (log T e ) puted by means of the CHIANTI Version 1.01 database and software (Dere et al. 1997b) , the loci of the emission measure as a function of temperature for each resonance emission line of interest are plotted in Figure 10 . We adopted solar photospheric abundances (Grevesse & Anders 1991) and the ionization equilibrium calculation by Arnaud & RothenÑug (1985) , updated for the Fe ionization equilibrium calculation by Arnaud & Raymond (1992) .
Following the approach by Griffiths & Jordan (1998) , a Ðrst approximation for the mean distribution m0.3(log T e ) can be obtained by computing for each line the quantity
Here is the peak formation temperature for a given line, T f and y is the fraction of the line Ñux formed in the range log where is the temperature at which the line T m^0
.15, T m emissivity, has its maximum :
where and are temperatures well outside log T 1 T 2 T m 0.15. The individual points obtained by means of equation (6) can be interpolated, guided by the loci, to give a smooth curve that serves as our Ðrst estimate for the m0.3 distribution. The di †erential emission measure is then derived by recalculating the line Ñuxes and iterating until the calculated and observed Ñuxes agree to within D12% (0.1 in the scale). The AU Mic di †erential emission measure we log 10 derived is shown in Figure 10 by a dashed line. Our data do not allow us to constrain the di †erential emission measure of AU Mic in the temperature range between log T e \ 5.4 and 7.0. Including the emission-measure values computed by Monsignori Fossi & Landini (1994) at Ðve positions in log from the Extreme Ultraviolet Explorer spectrum of T e AU Mic (corrected for the di †erences in the adopted stellar distance), we derived the emission-measure distribution represented by a dot-dashed line in Figure 10 .
On the Sun, the emission measure decreases steadily from chromospheric temperatures to a minimum at log T e D 5.0È5.2, then increases according to E m (T e [ 2 ] 105K) P up to log and then falls o † at higher tem-T e 3@2 T e D 6.2, peratures (see Fig. 10 ). The AU Mic emission-measure distribution reaches a minimum at log well before the T e D 4.7, solar one, and the emission-measure distribution is nearly constant until at least log Moreover, even if the T e D 5.4. temperature range log is not very well con-T e \ 5.4È6.8 strained by our data, we see that at log the AU Mic T e \ 6.4 emission measure is almost the same as in the range log and then increases by more than 1 order of T e D 4.7È5.4 magnitude at log Our data do not allow us to T e D 7.0. determine the temperature at which the AU Mic emissionmeasure distribution starts to fall o †.
The average energy balance in the transition regions and coronae of AU Mic and the Sun are thus very di †erent. The slope of the AU Mic emission-measure distribution in the temperature range log resembles that of the T e D 4.7È5.3 very broad line component identiÐed by Linsky et al. (1995) in the spectrum of the G1 star of Capella that was quite di †erent from the emission-measure distribution of the narrow component. On the contrary, the AU Mic emissionmeasure distributions of the narrow and broad components are almost the same as a consequence of the Ñux ratio between these two components being almost the same for all the emission lines that we could model by two Gaussian components (see°3.2).
The total power radiated per unit (surface) area from the stellar atmosphere is
where m@ is the di †erential emission measure in units of cm~5 K~1 (m0.3/T ), and is the total power radiated in P rad all spectral features per unit emission measure and for a speciÐed set of atomic abundances. Above log T e D 4.0 hydrogen is predominantly ionized, therefore N H /N e D 0.8.
By using the analytical expression for given by Rosner, P rad Tucker, & Vaiana (1978) and the di †erential emission measure derived above, we Ðnd a radiative power loss of 2.0 ] 108 ergs s~1 cm~2 for the plasma in the temperature range log Therefore, the radiative output T e \ 4.1È7.0. from the transition region and corona of AU Mic is We note that by using the Bruner &
which allows one to estimate the A )/3.0 ] 10~4, total power radiated between 104 and 108 K, excluding hydrogen emission, from the surface Ñux of the C IV lines, we infer for AU Mic This is about 50% P \ 8.4 ] 10~3L bol . less than the value we derive using equation (8) that includes the hydrogen emission.
T ransition-Region Density
Any detailed study of the outer atmospheric structure of active stars requires a knowledge of the plasma pressure, which is usually determined from density-sensitive line ratios. The most reliable diagnostics are ratios of lines within the same multiplet. We have used the ratios of lines within the O IV] UV 0.01 intercombination multiplet 2s22p that are excellent diagnostics of electron 2P J o È2s2p 2 4P J , density in the range cm~3 (Brage, Judge, 109 \ N e \ 1012 & Brekke 1996 and references therein).
The 1404.8 line of the O IV] multiplet is blended with a A line of S IV]. As discussed in°3.1, we were not able to separate the S IV] contribution from that of O IV] to the 1404.8 feature. To estimate the O IV] 1404.8 Ñux, there-A A fore, we have used the theoretical prediction that the S IV] 1404.8 intensity is D0.21 times the S IV] 1406.1 inten-A A sity (Dufton et al. 1982) . This is an average value for electron densities in the range 1010È1011 cm~3, which is typical for stellar transition regions. Therefore, we have subtracted 21% of the S IV] 1406 line Ñux from the blend at 1404.8 A A to estimate the intensity caused by O IV alone. The resulting correction to the total Ñux observed in the blend at 1404.8 A is then D8% of the O IV] 1404.8 line Ñux. A We have compared our observed line ratios with those predicted by the CHIANTI code (Dere et al. 1997b) , by Cook et al. (1995) , and by Brage et al. (1996) as a function of the electron density. The Ñux ratios, the resulting electron densities, and the corresponding pressures computed at T \ 105.2 K are listed in Table 6 . The listed uncertainties on the Ñux ratios are the results of the propagation of (f 1 /f 2 ) the errors on the measured line Ñuxes :
where and are the random line Ñux measurements p f1 , p f2 errors estimated using Monte Carlo techniques. The 1399/ 1401 ratio leads to a highly uncertain value of using N e , both the CHIANTI code and the Cook et al. (1995) calculations. As discussed by Cook et al. (1995) , the 1399/1401 ratio has the same electronic density dependence as the 1407/1401 ratio because of the common upper levels of the 1399. 8 and 1407.4 transitions, but with the 1399/1401 A ratio equal to 0.993 times the 1407/1401 ratio. Instead, we Ðnd that the 1399/1401 ratio is only 0.6 times the 1407/1401 ratio. We suggest that this result is caused by an underestimation of the 1399 line Ñux, which is the weakest and A therefore most uncertain among the O IV] line Ñuxes.
The three ratios involving the 1404 line lead to results A that agree quite well among the di †erent calculations, Brage et al. 1996. except for the CHIANTI code prediction for the 1407/1404 line ratio. The mean electron density is log N e \ 10.35 0.17, corresponding to dynes cm~2 P e \ 0.51^0.22 assuming log
The CHIANTI code prediction for T e \ 5.25. the 1407/1404 line ratio is in good agreement with the other two model calculations for the 1407/1401 line ratio, with a mean value of log N e \ 10.80^0.12 (P e \ 1.39^0.42 dynes cm~2). Instead, for the 1407/1401 line ratio, the CHIANTI code predicts a high electronic density of 11.18^0.09 cm~3 dynes cm~2). For each (P e \ 3.31^0.70 mean value we give an uncertainty that is the greatest value between the standard deviation on that mean and the error computed as propagation of the errors on single determinations.
As previously found by other authors (cf. Keenan et al. 1993 ; Brage et al. 1996 ) the 1407/1401 line ratio yields a higher electron density than the ratios involving the 1404.8 line. As we discussed above, the 1404.8 feature is a A A blend of S IV] and O IV] lines. Brage et al. (1996) pointed out that there is observational evidence that something is not well known about that blending feature ; they claim that there could be another unidentiÐed line that contributes to the 1404.8 feature, or the S IV] component has been rad-A ically underestimated, or perhaps the laboratory wavelength of the O IV] 1404.812 transition is in error. Harper A et al. (1999) , using GHRS observations of RR Tel, an excellent low-density emission-line source for testing the atomic data, pointed out that the observed Ñux ratio of lines from the level (such as the 1397.2 and the 1404.8 lines) 4P 3@2 A A di †er from that predicted by theory, but this di †erence cannot be attributed to a blend with a line of S IV]. These authors suggest that modest (10%È20%) changes in the relative ion-electron excitation rates to the 4P term would bring the observed ratios and the theoretical Ñux ratios into agreement.
In light of these considerations, we suggest that the most accurate electronic density for the region in which the O IV] lines are formed (log should be that derived from T e D 5.25) the 1407/1401 line ratio, log N e \ 10.80^0.12 (P e \ 1.39 0.42 dynes cm~2). In their analysis of the GHRS spectrum of AU Mic, Linsky & Wood (1994) detected the O IV] 1399.8 line but A not the 1404.8 line. Therefore, they inferred a lower limit A for the transition-region electron density of log N e \ 11.18, a value much greater than the one we have determined.
Other electron density diagnostics are Ñux ratios between lines of the same ion but in di †erent multiplets, as, for example, the ratio between the O V] line at 1218 and the A O V line at 1317
These diagnostics are less reliable A . because the line emissivities depend on temperature as well as density. The O V 1218/1317 line ratio in the AU Mic spectrum is 5.16^0.60, which implies an electron density log at log (CHIANTI code Dufton et al. (1978) . By using the CHIANTI code, the Maran et al. (1994) Ñux ratio yields log which is in good agreement with the value we N e \ 11.55, derived from the same ratio in the STIS data, even though the O V lines used in Maran et al. (1994) were taken at di †erent times and are therefore less reliable than the STIS observations.
The spin-forbidden lines can be used to obtain information on the plasma density by comparing their emissionmeasures loci, computed for di †erent values of density, with the emission-measure distribution derived by using the resonance lines. In fact, for collisional de-excited spinforbidden lines (i.e., when and
is the total collision rate out of level j), the ratio in equation (2) is proportional to There-N j A ji /N e 2 f (T e )/N e . fore, the emission-measure locus of spin-forbidden lines depends on electron density and temperature. As shown in Figure 10 , the emission-measure locus of the N IV] 1486 A matches the emission-measure distribution for electron density log the O III] 1666 and O V] 1218 N e \ 11.5, A A line loci match the emission-measure distribution for electron density log while the O IV] 1401 and 1407 N e \ 11.7, A lines suggest an electron density log
The emission-N e \ 12. measure method leads thus to an electron density much larger than obtained by using the O IV] line ratios, but its result agrees with the determination inferred by the O V 1218/1317 line ratio (log We note that N e \ 11.69^0.05). Linsky et al. (1995) , when computing the electron density of Capella, found that the electron densities obtained by using the O IV] line ratios are almost 1 order of magnitude lower than inferred by using the emission-measure distribution method, as we have found for AU Mic.
To resolve the discrepancy between the two density measurement techniques, we propose that the transition-region emission originates from an inhomogeneous atmosphere with structures having signiÐcantly di †erent densities. For simplicity, we assume that these inhomogeneities can be divided into two basic components. Component 1 has an electron density near 1011 cm~3 to agree with the O IV line ratios and a volume emission measure3 we designate
The second component will have volume emission VEM 1 . measure and a substantially larger density. For the VEM 2 permitted lines, the radiation from each region is relatively una †ected by the density and will just be proportional to the emission measure. However, for the forbidden lines used in the density determinations, the Ñux will be suppressed in the higher density regions because of the larger number of electron collisions that depopulate the upper levels (see Fig.  11 ). This suppression means that the observed O IV] emission will be produced primarily in the low-density region, which should explain the line ratio results. It also means that the e †ective total emission measure for the forbidden lines is smaller than for the permitted lines.
To investigate the properties of the emitting regions, we made a numerical simulation in which we attempted to reproduce simultaneously the observed Ñuxes of the O IV] lines at 1401 and 1407 the observed 1407/1401 line ratio, A , and the observed Ñux in the N V resonance lines near 1240
For these calculations, we set equal to 1011 cm~3 A .
N e1 and required that equal 4.6 ] 1049 cm~3 to VEM 1 ]VEM 2 be consistent with the analysis in°3.6. This leaves us with two variables, the VEM of one of the regions (say VEM 1 ) and the density of region 2
In practice, the solution (N e2 ). can be adjusted slightly because a change in can be VEM 1 compensated by a change in For example, increasing N e2 . will increase the O IV] emission and requires an VEM 1 increase in to suppress the emission from region 2. N e2 Eventually, however, contributions from region 2 become negligible and further increases in cannot be com-VEM 1 pensated. Conversely, decreasing can be compen-VEM 1 sated for by decreasing which allows more O IV N e2 , radiation from region 2. However, this results in a larger fraction of the O IV] emission coming from the high-density region and an increase in the 1407/1401 line ratio. 
Note that while the emission measures are comparable in the two regions, the densities di †er by a factor of 30. This implies that the total volume of the high-density regions is substantially smaller than that of the lower density regions. For example, if we assume that the emitting regions are 10 km thick, then the deduced values of VEM and density suggests that the low-density region will cover 10%È20% of the stellar surface, while the high-density regions occupy only 0.07%È0.08% of the surface.
CONCLUSIONS
The STIS observations reveal a rich quiescent spectrum of AU Mic with lines formed in the chromosphere out to the corona. We have identiÐed 142 emission lines from 28 species in this beautiful spectrum.
Emission lines formed at temperatures between 20,000 K (C II) and 200,000 K (N V) show both broad and narrow components, with the Ñux in the broad components nearly as large as in the narrow components. Previous studies identiÐed the origin of the broad components with microÑare heating. The broad components are systematically redshifted by 5.4^2.3 km s~1 compared with the narrow components, providing new information on the dynamics of nanoÑares. Both redshifts and blueshifts of the two components are seen in other stars.
Unlike all the dwarf and giant stars of spectral types F, G, and K that have been analyzed using GHRS and IUE spectra, the transition-region lines of AU Mic do not show a trend of increasing redshift with increasing line formation temperature either for the narrow or broad components. Additional observations of M dwarfs are needed to determine whether this unexpected absence of a trend is a consequence of the strong magnetic Ðeld, high activity, high gravity, or late spectral type of the star.
For AU Mic and the stars in the Capella and HR 1099 binary systems, the radial velocity of the Fe XXI 1354 line A is the same as the photosphere, indicating that the 107 K plasma is conÐned by strong magnetic Ðelds.
The width and wavelength of the He II Ha line (1640 A ) show that the line is formed by both collisional excitation and recombination following photoionization of neutral helium by coronal X-rays.
The AU Mic emission-measure distribution shows that the average energy balance in the transition regions and coronae of AU Mic and the Sun are very di †erent. The emission-measure distribution of AU Mic is nearly constant between 4.7 and 5.4 in log Moreover, at it is T e . log T e \ 6.4, almost the same as in the log range and then T e D 4.7È5.4 increases by more than 1 order of magnitude around log Our data do not allow us to determine the high T e D 7.0. temperature at which the AU Mic emission-measure distribution starts to fall o †.
Since the Ñux in the emission lines that we model by two Gaussian components is almost equally divided between the narrow and broad components for all lines, the emission-measure distribution of these two components is almost the same. In the temperature range log T e D 4.7È5.3, it resembles the emission-measure distribution of the very broad line component identiÐed by Linsky et al. (1995) in the spectrum of the G1 star of Capella, which is signiÐcantly di †erent from the emission-measure distribution of the narrow component.
We Ðnd that the total power radiated between log T e \ 4.1È7.0 is 1.7 ] 10~2 times the bolometric luminosity of AU Mic.
We Ðnd an electron density of log at N e \ 10.80^0.12 log using the 1407/1401 O IV] line ratio. However, T e D 5.25 a much larger electron density, log is obtained N e D 11.7, by comparing the emission-measure loci of spin-forbidden lines with the emission-measure distribution computed by using permitted lines. We Ðnd that this discrepancy can be resolved if we assume that the transition-region emission comes from two di †erent types of atmospheric components, with comparable emission measures but substantially di †er-ent densities and volumes. This result is consistent with the multicomponent nature of the emission-line proÐles and probably represents the existence of both low-density plage regions and high-density regions heated by stellar Ñares. This work is supported by NASA grant S-56500-D to the University of Colorado and a grant to the Catholic University of America. We thank the referee, Dr. Carol Ambruster, for helpful comments and suggestions.
